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The classical symbiotic YY Her returns 
to quiescence after an outburst
Jacques Montier obtained a spectrum 
(Alpy R = 600) at mag 13
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 1 Some analysis techniques and ideas

		  We have discussed the line formation in may astrophysical systems, such as binaries and no-
vae and winds, but perhaps it will help now to suggest some different sorts of physical questions you 
can ask and processes you can study that will be both interesting and very much scientific research. In 
this and a few more columns, I’ll try to provide some more general things you can do with any spec-
tra. Don’t worry that there are more details (and equations) than before. For those who might want 
to program I’m putting in more details. For others, the measurements are simple and the methods 
are algorithmic so don’t be put off by the level. You’ve been through so much in our years together, 
you can do it! I want ro follow up on Peter Somogyi’s excellent comments and procedures. Once you 
have the data in hand there are a lot of important questions you can ask yourselves and see how the 
astrophysics comes out of what you’re doing. To drive the point home: you are more astrophysicists 
than many of the professionals and it won’t take much to go to the next level, if you feell the urge.

1.1 Line profiles

		  For outflows or ejecta, P Cygni profiles form when there is optically thick material along the 
line of sight to a deeper part of the line forming region. In ejecta, as we’v discussed, there’s a maximum 
but not terminal velocity so the absorption decreases monotonically with increasing (negative) radial 
velocity. In a wind, there’s a maximum and terminal velocity, they’re the same, and the line saturated if 
the column density is high enough and forms the sharp terminal edge of the classical picture. If the re-
gion that’s seen in projection against the deeper layers (or stellar surface) covers only a small fraction of 
the solid angle available for the line formation, the absorption will be weak and not seen at the nighest 
velocity - the line will be asymmetric but may even lack a discernible absorption component. So you can 
make some preliminary guesses based only on the visibility of the absorption relative to the emission. 

		  Measuring the absorption velocity, or the wings, does not result in a unique picture. The red wing 
is often ignored but that is as important as the blue side, the emission is from the whole volume and for 
ejecta there’s important information there. Quote the Full Width Zero Intensity (FWZI) of the line at the 
continuum at the point where the signal to noise allows you to say there is emission. Then give the velocity 
centroid wavelength. See the next section for what that means based on the profile. Don’t assume the peak 
is the zero velocity. For very optically thick flows or ejecta, it’s alway redshifted since the absorption com-
ponent has its own line profile and absorbs against the whole flow (approaching and receding). The asym-
metry of the line is measured in the same way as the mean wavelength from the skews or “third moment”. 

		  If the line is formed from spherically symmetric pure scattering (not likely) the total equivalent 
width (absorption + emission) will be zero (as much is removed as redistributed into the line). But in 
general, the line has some real absorption(collisional effects) so the EW will always differ from zero. Note 
that the EW is a relative measure, how much more flux there is in the line relative to the continuum so 
you have to normalize the value to the photometry to get a meaningful quantity. This means taking the 
lines and producing artificial photometry. This is going backwards from how you’ve calibrated the spec-
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trum but it allows you to say how much flux is coming out from the line forming region. If Fi is the flux 
in pixel i and Si is the filter profile (normalized to unity at peak transmission) then the flux in the filter is

F FSi i
i

N
int =

=

−

∑ ∆λ
0

1

where Dλ is the pixel wavelength increment (and flux is in wavelength units). Then this integrated flux 
is compared to the magnitude. If you used filters to get the fluxes, then the EW will tell you the relative 
contribution of the lines to the measured photometry. In Skopal’s discussions this was mentioned but 
remember that the lines and continuum are not distinguished by filter photometry so be careful using 
photometric magnitudes to get fluxes. Use standard-calibrated spectra. Then with this information you 
can get the energy in the lines. The equivalent width i an integrated measure but if you use the profiles 
you can also indicate asymmetries. We discussed some time ago that the ratio of the line profiles is im-
portant for obtaining where different parts of the line are formed. You can interpolate the profiles to the 
same velocity intervals and then take the ratios digitally. This is really simple but, especially for the for-
bidden lines, it tells you how inhomogeneous the region is. For planetary nebulae, for instance, it’s hard 
because the lines are narrow and may be unresolved (so use the EW). But at resolutions of 5000 or high-
er you can get velocity structures in some lines so it’s worth the try. Keep this in mind: the density mea-
sured by the EW is a mean value over the whole line forming region. The individual parts of the profile, 
in velocity, can come from regions of very different local density (likely, though, the same excitation tem-
peratures). So – and this is especially true for novae and Be stars – the ratios reveal the inhomogeneities.

1.2 Radial velocities

		  It seems that the radial velocity is one of the simplest things to measure,once you’ve obtained 
a linear set of wavelengths and, in general, that’s right. But there are some complications that symbiot-
ics, novae, and other freaks present. So a few thoughts are in order here. First, the lines are often not 
symmetric so the definition of a mean velocity is uncertain. Normally, you’d expect that taking the mean 
value of the wavelength (relative to the laboratory line center and denoted by brackets) would suffice,
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λ

λ λ λ λ
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where the integral is taken over the line. If the data has been set in a linear grid, you can replace the 
integrals by the sum. Here Fλ is the flux (in counts if you haven’t absolutely calibrated the spectrum) 
and the division is just to normalize the flux at each wavelength to the total flux in the interval. Re-
member that every integral is really a sum when implemented, so as an example, the mean is then: 
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		  Defining the line is actually a problem but that should be done examining the spectrum by hand 
or specifying the interval. Alternatively, if you know the width in velocity, you can integrate between ve-
locity limits of the line. Similarly, < (∆λ)2 > defines the dispersion without force-fitting a Gaussian profile. 
Remember, you do not always know the form of the line and, unless it is unresolved and dominated by 
the line spread function (lsf, the one dimensional analog of the point spread function) of the spectro-
graph. The skew, the simplest measurement of the line asymmetry, is the third moment. The difficulty 
arises from the noise. Characterizing the quality of the spectrum where there are no lines requires 
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measuring the continuum fluctuations in a lineless pat of the spectral interval, near the profile you 
want to study. Since there really isn’t such a region, or at least it’s difficult to define depending on 
your resolution, the alternative is to look in the wings of the line and measure the mean fluctuation 
there. This is your “noise”. In fact, if you chose the interval poorly, e.g. it’s too broad, you have have 
no net flux but the dispersion (because of the weighting) may be negative. No, that’s not possible, 
so the mean (the integral) is dominated by a part of the line (in the far wing) where there’s also no 
signal. To get around this, be sure to measure the noise after reduction, not from the raw mage of 
the spectrum. A sufficiently high count will suffice, say a maximum of about 1000 counts, which has 
a S/N ratio of about 30. The signal accumulates linearly in time, the noise (for statistics dominated 
by the rate of photon arrival within a single time interval and how it lands on a pixel. The rate is a 
Poisson process, meaning all detections are statistically independent. The mean rate of arrival is the 
number of counts per unit time so for a fixed arrival rate, the expected fluctuation in the counts is 

S ~ R.Dt  and N = (R.Dt)1/2          (2)
so the S/N ratio increases as (∆t)1/2. You can check your estimates 
of the continuum fluctiations relative to any emission line (for which S/N is inevitably high-
er). So what does this have to do with vrad? To specify the uncertainty in the velocity, you are 
not putting a cursor by hand on the line. You’re trying to do this automatically, in an unbi-
ased way. But the lower S/N, the more likel an error in the mean. You see, this is what the eye 
does rather well, averaging over the noise, provided S/N is high enough (S/N ≈ 30 is just fine). 
The essential point is that you must demonstrate that your measurement is statistically real.

1.2.1 Correlation methods

While the method of cross (or self-) correlation works well for late type stars for which there are 
a gazillion lines, for hot stars it doesn’t work quote so well. Take two spectra, (S1, S2) that have 
wavelength vectors λ1, λ2. These may not be the same. So first you need to interpolate them 
onto the same grid. With this, the cross correlation is the shift in the spectrum. This is written 
in continuous form as a folding or convolution where you take F1 and F2 to be the two spectra: 

C F F dλ ∆λ λ ∆λ λ ∆λ ∆λ ∆λ( ) = +( )∫ + −( )−∞

∞

1 2

' ' '

 (3)
where we can replace the integral by the sum . The most important feature of 
this correlation is that it doesn’t matter is F1 is shifted relative to F2 or the oppo-
site, the result is the same. This is the convolution theorem, the heat of the method.
There’s a very (!) good reason for doing this. The spectrum contains a lot more information than a 
single line and the entire spectrum will shift because of radial velocities. Therefore, unless there are 
differential motions (e.g. from rotation, see the next section), the precision of the measurement im-
proves as N1/2 where this is the number of points you have on the profiles. So you get a far higher ac-
curacy than you would either force-fitting a Gaussian or by trying to measure the line center by eye.

1.2.2 Reproducing the measuring machine

The alternative is, of course, to fit the center of the profile. For this, a technique originally devel-
oped for the Grant comparator is very helpul. This was a screw micrometer, with a reproduction 
accuracy of about 1-2 microns, that was used for photographic plates. The trace was projected by 
on oscilloscope (remember what those were?) and a mirror reflected the spectrum so there were 
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two opposing images that were cross-correlated by eye. This is really the same effect as the numeri-
cal method. You can achieve this by taking th two spectra, displacing them by some distance (from 
line center (that is, from the rest wavelength) and then shifting and multiplying them together record-
ing the product of the spectrum for each shift summed over the interval you’re interested in. This is 
what you’re really doing in a convolution but without the reflection. The accuracy is, again, improved 
because the entire profile is used, not just the peak. The advantage of this method is its simplicity in 
implementation and its avoidance of an assumed form for the profile. Its main disadvantage is when 
the line is asymmetrc, this produces (with all correlation methods) possibly spurious shifts. Thus a 
word of warming: correlation methods should not be used for stellar winds or differentially shifted 
spectra.

2 Physical properties from spectra: some ideas of what you can measure without resorting 
to detailed models

		  In past issues we’ve covered winds (everywhere), explosions (novae), and en-
vironments (e.g. symbiotics and AGN), and now there are some more subtle bits of as-
trophysics I hope to introduce. All of these will have broad applications, many are relat-
ed to things you will have already seen in spectra. They’re often left undiscussed when the 
broader issues of peculiarities (such as emission lines, outflows, long term variations) are covered.

2.1 Rotational velocities

		  It’s hard to find a cosmic object that doesn’t rotate but, usually, this is ignored in dis-
cussions of the stellar properties. It shouldn’t be. I’ll give a few examples of things that might 
make use of all of the techniques you’ve been developing to work with spectra, including cali-
brations of fluxes and wavelengths. I hope these will be interesting, they’re not just exercises.

2.1.1 Measuring sunlight on planets, how the solar constant is monitored

		  Start with the planets. This is a good way to get a feel for what rotation does. With a slit 
planed across, say, Saturn (which is well laced now) you can cover the rings and planet simultaneously. 
Using a resolution as low as 2000, you;ll see two features. The lines are mainly solar, from scatter-
ing and reflection of sunlight. After all, that’s why the planet is shining, but instead of just measuring 
the difference between the ring and disk spectra (to bring out the methane band in the red, for in-
stance), you can see in the image before extraction that the lines are tilted and those of the rings (for 
Saturn) are further displaced discontinuously at the inner boundary of the rings. The tilt is symmetric 
about the disk center (if the slit is properly aligned), indicating the radial velocity of the planet rela-
tive to you and the Sun (well, to your line of sight since the orbit is nearly circular). Integrating over 
the slit broadens the line because the full spectral shift is summed but measuring the line-by-line shift 
gives twice the projected rotational velocity. This is the reflected solar spectrum; if there were nar-
row features in the planetary spectrum you would see a differential shift (observable at the highest 
resolution) with the planet’s lines having 1/2 the displacement. Using the angular velocity (the max-
imum shift), dividing by two, and using the rotation period you can find the radius of the planet in 
physical units; then using te angular diameter, you can derive its distance from the Earth. Then using 
Kepler’s law, you know the distance from the Sun in AU so, finally, you can measure the solar constant 
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at the planet from its magnitude. You’ll also get a feel for the effect of the atmospheric structure on the 
measurements since at the limb, because of scattering, the line profiles will be less distinct. This also 
serves as a cautionary tale: the integrated spectrum of a star is the sum of all surface contributions.

2.1.2 Stellar rotational velocities

		  Now for the problem for stars. Since stars are point sources, as you see them, 
their spectra are produced by integrating over their surfaces. The atmosphere has a tem-
perature gradient and the lines form at different depths and are weighted differenly be-
cause of their individual sensitivities to temperature and density. This is the general explana-
tion of how limb-darkening effects the appearance of the spectrum. When you say a star has a 
temperature and spectral type, you’re really saying that when viewed from an enormous distance .
		  If the star is rotating this isn’t quite so simple. For slow enough rotation,when the cen-
trifugal acceleration (in the frame of reference corotating with the star) is small relative to the sur-
face gravity, the star is still nearly spherical. But the rotating gas ball isn’t necessarily in solid 
body rotation. Look at any time lapse of Jupiter, for instance, and you’ll notice that the equator 
has a far shorter rotation period than the poles, as does the Sun. This differential rotation can be
		  If, instead, the rotation period is the same everywhere, so-called solid body rotation, the ra-
dial velocity – relative to the observer – is constant on cylinders that are aligned on the rotation axis 
so the closer you are to the limb the higher the projected radial velocity (toward or away from you). 
But since the contribution to the line profile depends on the projected area, and that is effectively 
zero at the limb and maximal at the center, the resulting line profile is neither Lorentzian nor Gauss-
ian nor any simple combination of the two (called a Voigt profile). Instead, each piece of the sur-
face is such a profile but combined with every other part of the photosphere weighted by the area 
in which the angle (longitude) and wavelength displacement (Doppler shift) are interchangeable. So 
the result is a sum over all possible angles, producing a profile (derived by Unsöld (1955) and others)

Prot
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where ∆l = vrotλ0/c from the Doppler shift and u is the limb darkening coefficient1. There is no oth-
er broadening here even if the profile is very complicated. It vanishes for ∆λ ≥ ∆λrot. The final profile 
is then formed from the folding or convolution of the rotational profile with the whole spectrum: 

P F dobs rot∆λ ∆λ ∆λ ∆λ ∆λ( ) = ( )∫ −( )−∞

∞
P

' ' '

		  Again, this is the weighted sum of the flux (the full spectrum, every point is merged with oth-
ers by this process). You might also think of it as a smoothing process. It is reversible in that, were 
you to be on the stellar surface, you would see only the emergent spectrum from the photosphere 
so you can, numerically, undo the effects of the rotation if the spectrum has a high enough S/N ratio.
		  The importance of this alteration of the spectrum is that the line profiles change in a char-
acteristic way and their FWHM is now not that of a Gaussian but of the rotational profile when ∆λrot > 
∆λD, where ∆λD is the thermal Doppler width of the line. It isn’t difficult to satisfy this condition, e.g., 
almost all early type main sequence stars (A and earlier). One oddball is, sadly, Vega. This is actual-
ly a rapidly rotating star but the lines are incredibly narrow (essentially thermal only) but it happens 

1 You will have seen this in any discussions of eclipsing binary light curves, it’s the parameter (number) that encodes the temperature 
gradient of the photosphere and lower atmosphere and causes the departure from pure geometric ingresses and egresses.
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to have its axis oriented along the line of sight (a nearly zero degree presentation to the observer).
		  One important thing. It relates to an old discussion on spectral types. The classification system 
depends on two main sensitivities of spectrum formation: the variation of line strengths and ionization ra-
tios with temperature, and the line widths and ionization stages being sensitive to pressure (hence surface 
gravity) through the Stark effect on the strongest line wings. But there is another, less obvious contributor. 
That’s rotation. Low mass stars, especially on the main sequence, are slow rotators – their periods of rota-
tion are months, like the Sun. On the upper main sequence, in contrast, they’re much more rapid, typically 
with periods of days. Combined with their larger radii, the photospheric spectra of massive stars are always 
affected by rotational broadening far more than those of lower mass. But since the classification criteria 
are calibrated using standards, not models, the spectral types already implicitly include the rotational 
broadening. This is one reason why models do not exactly reproduce spectra, they have to be appropriately 
broadened to achieve a match. For stars that are especially narrow lined, for instance because of their axi-
al inclinations, the spectra may appear anomalous, the lines may seem too strong for their spectral type.
1You will have seen this in any discussions of eclipsing binary light curves, it’s the parameter (number) 
that encodes the temperature gradient of the photosphere and lower atmosphere and causes the 
departure from pure geometric ingresses and egresses.

		  A particularly beautiful effect can be observed using even moderate resolution spectra during 
eclipses for some short period binaries. As the eclipse proceeds, first the blue- and then the redshifted side 
of the star is occulted. The wavelength of the centroid of the profile therefore shifts from the rest wavelength 
to the red an then reverses and shifts to the blue, in antiphase with the radial velocity of the eclipser, and 
the lines become asymmetric in opposite senses. This is the Rossiter-McLaughlin effect and is the best way 
to directly measure the rotational velocity of a star. The effect is enhanced for systems where the eclipsed 
star is a rapid rotator, e.g. U Cep (an Algol system with a >300 km s−1 B star eclipsed by a G giant). You can 
see this for resolutions >5000 for those systems that have rotational velocities >150 km s−1 and, depending 
on the brightness of the star and the duration of the eclipse, it is a way to study the variation of the rota-
tion with latitude by comparing the predictions of a rigid rotator with the amplitude of the eclipse effect.

2.2 Line profile variations and what they mean: first comments

		  This is rather general because it’s the heart of what you’ve been doing for symbiotics and novae 
and cataclysmics. But there are several methods that should be remembered. A method for enhancing 
emission line visibility is to remove the underlying absorption from the photosphere using a standard. 
This must be done very carefully, especially regarding the rotational velocity if the lines are narrow. You 
are actually making a physical assumption when subtracting one profile from another: the profile is as-
sumed to be composite from two disconnected regions. For accretion disks or nebular environments 
(e.g. symbiotic stars) this procedure is physically fine but it doesn’t work for winds. Stellar outflows 
begin in the photosphere and accelerate outward, they are really moving atmospheres and there are 
not disconnected regions. On the other hand, for disks (without outflows) this is a very good way to see 
whether weak features might be present. But remember that when you subtract two profiles, both of 
which are empirical, the S/N of the result is reduced since even if the means subtract, the dispersions 
add in quadrature (σ2

combined = σ1
 2+ σ2

2 even if you take I combined = I1 −I2. The match to the wings of a 
line, for instance the Balmer profiles, doesn’t guarantee that the cores will be correctly removed. Mag-
netic fields can also lead to variations but not because of the Zeeman effect (with a very few exceptions 
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where the surface fields are so strong that the magnetic broadening of the line can be detected even 
without polarizers). For example, HD 215441 has a surface field of >30kG, about 105 times the solar 
value and more tan 30 times that observed in sunspots. It is so intense that all the lines are broadened 
by the intense Zeeman effect although each is differently broadened because of different magnetic 
splitting terms of the energy levels. It is the same as we discussed for multiplets of atomic energy lev-
els. The individual states are split by the magnetic field, linearly dependent on the field strength, B, 
by ∆λBsinB but each line (transition) has a different numerical coefficient. The Ap (peculiar A stars) are 
the best ones to observe if you want to see what happens, especially the star I mentioned and some 
such as β CrB and α2 CVn. But what’s more important is the line variations, in proile and strength, hap-
pen on the rotation period of the star. So you can combine the rotational line measurements with the 
changes in line strength to get an idea of how the line is distributed over the surface of the star. The 
same method is used for spots, as in the W Uma stars and the RS CVn stars. Both show evidence for 
large scale concentrated magnetic spots, like those on the Sun but a factor of 100 larger in area (or 
more) that are dark and change the photometric properties (in eclipsing systems these cause light curve 
distortions that change phase relative to the eclipses over time because of spot migration). Since the 
surface is darker in the spot region (this doesn’t seem to be true for the Ap stars but they don’t have 
convective photospheres) then that part of the surface will not be seen in the spectrum and the line 
profile distorts. As the system revolves, and you see different sides of the star, you can form a picture of 
the surface. The technique is called Doppler imaging and it is well within the capabilities of your spec-
trographs. Even if the individual profiles don’t change, the spectra do. This means even at low resolu-
tion you can obtain spectrophotometry and see how the light is redistributed through the spectrum.

3 ... so ...

		  I’m ending here because by now you’re going to be exhausted. But I hope you see how many 
things can come from precisely the data you already have in hand. In the next installment I’ll spend much 
more time on the reasons for profile variations, other than in novae. That is, what orbital modulation 
means in binaries (especially symbiotics), accretion flows and what is called Doppler imaging and Doppler 
tomography (neither of which is difficult to understand, really!!). Just bear with this for a little longer. I hope 
to see many of you at OHP, we’ll go over this there and please send whatever questions you might have!

Steve Shore
04-07-2016
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Rotation example
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	 Something new on nova spectra: photoionization vs.atmospheres
Steve Shore    

	 For weeks Elena Mason (who some of you have had the pleasure of meeting and know 
from studies in the literature) and I have been trying to understand a weirdness of early nova spec-
tra.  The ``anomaly’’  is that in early nova spectra, like those you observed for V339 Del and V5668 
Sgr, there is a strong Na I line, strong Ca II H and K (3933, 3964 Å) -- both of which are resonance lines 
(hence, from the ground state for the respective ion) and nothing at Ca I 4226 Å. I wrote this in quota-
tion marks because, finally, it’s clear: this is the difference between spectra of ejecta and atmospheres.

	 To explain, because in the end it’s really simple, it has to do with what controls the ionization.  In an 
atmosphere, in LTE (so collisional rates dominate), the radiation and gas have the same temperature and 
the ionization is controlled by the density and temperature.  It’s in equilibrium.  Simple: the radiation is lo-
cally in thermal balance so the ionization matches that which you would get at a certain gas temperature, 
recombinations balance ionizations in collisions separately.  That’s the whole point of spectral classification 
for stars (and why those for novae and supernovae are just indicators with no physical backing).    Think, for a 
moment, about the solar spectrum, G2 V.  It has strong Ca I and Na I, but also strong Ca II and Fe II, and only 
weak C I and no C II.  So the Ca II/Ca I fraction, the ionization, is governed by the temperature and the den-
sity is high enough that you see two states of calcium.   Na I has the same ionization potential as Ca I but Ca II 
has a much lower value than Na II (11 eV compared to 47 eV, respectively) so you have a lot of Ca II but also 
some Ca I.  The same persists to spectral types as early as F2 V.  But in ejecta, the energy for ionization, not 
the number of states available, determines the fractional abundance of the ions.  So Ca II disappears if you 
can ionize C I and Na I, if you have above 11 eV you’ll have ionized much the Ca II to Ca III and will have C I and 
C II in the spectrum, no Ca I (!), and still see Na I.  In other words, the ionization and its variation in time is in-
dicating the properties of the incident radiation, from the central star, and not the local thermal conditions.
	
This applies to symbiotics, to supergiant atmospheres (especially in post-AGB stars and pro-
to-planetary nebulae (I mean hot gas, not  forming solar systems,. horrible terminology).
Why I mention this is as an example of things we have discussed in different times and places: the key 
poperty of such dilute, dynamical environments as expanding ejecta is the non-locality of the radia-
tion and the locality of the thermal effects.  Recombinations depend on the local density, but ionization 
comes from somewhere else, from a distant hot source.  The spectrum of that source is moderated by 
the intervening gas, but as that thins out the higher energies of the UV get through and the ejectya ion-
ize depending on their local recombination rates.  The richness of the ion’s spectrum determines wheth-
er it will be visible, hence no Ca I when you still see some Ca II and no Na II when you still see Na I.
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	 Tools

NIST Atomic Spectra Database Ionization Energies

http://physics.nist.gov/PhysRefData/ASD/ionEnergy.html

Ionization Energy in eV
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	 In my last comments on symbiotic stars for 
your informative bulletin (No. 19) I introduced a ba-
sic principle on how a complicated absorption/emis-
sion profiles in the spectrum of some symbiotic stars 
(e.g. CH Cyg) can be created. Using a template for 
creation of the P Cygni type of the profile, it was pos-
sible to get at least an imagination on the nature of 
a complex mass-outflow from active component in 
CH Cyg. A high-velocity pulsing mas-outflow of blobs 
of material, probably driven more into specific direc-
tions, seems to be a possible  interpretation of the 
observed profiles during that raging 2015 period of 
CH Cyg evolution. However, during September 2015 
the hydrogen Balmer lines became to be relative-
ly stable, showing a typical double-peaked profile 
with a sharp central absorption and broad emission 
wings. It is very interesting that such the change hap-
pened during a relatively short period of around or 
less than 1 month (September 2015) and at the same 
optical brightness. Although some details of the H-
alpha and H-beta profiles still remain rather puzzling 
(e.g. variations in the ratio of emission peaks and/or 
the origin of the central absorption), the broad and 
symmetrical emission wings suggest that the mass-
outflow has now a form of more or less (spherically) 
symmetrical ionized wind. Therefore, it could be ad-
vantageous to describe basic principle on how such 
the wind is driven by a star. The first question is: 

What is the stellar wind?

	 Apart from electromagnetic radiation, i.e. 
photons, stars emit also particles. Flux of emit-
ted particles that are continuously outflowing from 
stars is called the stellar wind. The most important 
parameters of the stellar wind, we can determine 
from observations, is the mass-loss rate, dM/dt (de-
noted also as Ṁ , reading as “M-dot“) and the so-
called terminal velocity of the wind denoted as v . 
Parameter   is the amount of mass lost by the star per 
unit of time, and v  is the velocity of the stellar wind 
at a large distance from the star (terminal, and also 
maximal velocity). Usually,   is expressed in units of 
solar masses per year (1 M


/yr = 6.3 x 1025 g/s). For 

example, a star losing the mass at the rate of    = 10-6 
M


/yr loses an amount of  mass equal to the mass of 

our Earth during three years. The terminal velocity vꝏ  
of a stellar wind ranges typically from about 10 km/s 
for cool supergiants to about 3000 km/s for luminous 
hot stars. For a star with a stationary spherically sym-
metric wind, the mass-loss rate is given by its den-
sity ρ(r) and the velocity v(r) at any distance „r“ from 
the center of the star via the continuity equation 

Ṁ = 4πr2ρ(r)v(r)  (= constant)             (1) 

This equation expresses the fact that no material is 
destroyed nor created in the stellar wind, i.e. the 
amount of material flowing per second through a 
sphere with radius „r“ around the central star is con-
stant. The relation (1) is easy to derive. If we imagine 
a spherical layer with the radius r and a thickness dr 
around the star, its volume is dV = 4πr2dr, and thus 
its mass is dM = dV x ρ(r) = 4πr2dr x ρ(r). Finally, di-
viding it by the time interval dt, we obtain the con-
tinuity equation (1) (knowing that dM/dt = Ṁ and 
dr/dt = v(r)). The gas which escapes from the outer 
layers of the star is accelerated outwards from small 
velocities at the star's surface (v ≤ 1 km/s) to high 
velocity at large distance from the star, where the 
wind particles are asymptotically reaching the ter-
minal velocity vꝏ  (when r→ ꝏ ). The distribution of 
velocities in the wind with the radial distance „r“  is 
called the velocity law, v(r). Observations and mod-
els of stellar winds suggest that the velocity law can 
often be approximated by the so-called  b-law as 

  v(r) = vꝏ  (1 – R*/r)β              (2) 

This function describes how the velocity of wind 
particles increases from its beginning at the star's 
photosphere, R*, (v(R*) = 0) to the terminal veloc-
ity vꝏ . The parameter β describes how steep the 
velocity law is. Figure 1. illustrates the velocity law 
(2) for very hot and luminous stars, whose wind can 
be characterized with small values of  β (around 0.5 
– 1.5) and for cool giants, whose slow wind can be 
described by larger value of  β (a typical value is 2.5).  

In your „Information letter No. 19“ I briefly described 
how the stellar wind can be identified in the star's 
spectra. We now know that most convincing indica-
tor of stellar wind is the P-Cygni type of profile. Its ab-

	

A note on stellar winds in symbiotic binaries

Augustin Skopal
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Please :
- respect the procedure
- check your spectra BEFORE sending them
Resolution should be at least R = 500
For new transcients, supernovae and
poorly observed objects,
SA spectra at R = 100 are welcome

1/ reduce your data into BeSS file format
2/ name your file with:
 _ObjectName_yyyymmdd_hhh_Observer  
    
Exemple: _chcyg_20130802_886_toto.fit

3/ send you spectra to 
	 Novae, Symbiotics : François Teyssier 
	 Supernovae : Christian Buil 
	 VV Cep Stars : Olivier Thizy

Astronomical Ring for Access to Spectroscopy (ARAS) is an infor-
mal group of volunteers who aim to promote cooperation between 
professional and amateur astronomers in the field of spectroscopy.

  To this end, ARAS has prepared the following roadmap:

• Identify centers of interest for spectroscopic observa-
tion which could lead to useful, effective and motivating co-
operation between professional and amateur astronomers.
• Help develop the tools required to transform this cooperation into 
action (i.e. by publishing spectrograph building plans, organizing 
group purchasing to reduce costs, developing and validating observa-
tion protocols, managing a data base, identifying available resourc-
es in professional observatories (hardware, observation time), etc.
•Develop an awareness and education policy for amateur astrono-
mers through training sessions, the organization of pro/am semi-
nars, by publishing documents (web pages), managing a forum, etc.
• Encourage observers to use the spectrographs available in mission obser-
vatories and promote collaboration between experts, particularly variable 
star experts.
• Create a global observation network.

By decoding what light says to us, spectroscopy is the most productive field 
in astronomy. It is now entering the amateur world, enabling amateurs to 
open the doors of astrophysics. Why not join us and be one of the pioneers!

Be Monthly report
Previous issues : 
http://www.astrosurf.com/aras/surveys/beactu/
index.htm

VV Cep campaign
http://www.spectro-aras.com/forum/viewfo-
rum.php?f=19

About ARAS initiative

Submit your spectra
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